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Abstract : We have discussed various sources from which birth of a
neutron star is possible, their discripancies with observed values,
how new born neutron stars are different from usual cold ones, to
what extend they are spun up by the contraction in the subsequent

cooling stage evolving to cold stars.
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1. INTRODUCTION

Study of birth of a neutron star is of particular interest not
only from the astrophysical view point but also from the view
point of a new form of dense matter under extreme conditions.
The matter from which neutron stars at the birth era are made,

namely, supernova matter, is characterized by

. 1
i) almost constant entropy per baryon (s ~ 1-1.5)

00 . . 1,2
ii) a high and almost constant lepton fraction ( Y ,= 0.3 - 0.4) ’

0
throughout the density
iii) the maximum density would amount to several times nuclear

N

density‘j% ( ~ 2.8 x 10 g/cc)

iv) the temperature T could be as high as T ~ 10 - 50 MeV

It is believed that type II supernova explosion 3= ’
the end point of the evolution of massive stars, lead to the
formation of neutron stars or blackholes. Whether a neutron star
or a blackhole is formed depends on the size of the collapsing Fe
core and the maximum neutron star mass, which is somewhat uncert-
ain he . A major uncertainty is the lack of a complete understa-
nding of type II supernova explosions with prompt mechnism, in

which collapse core at bounce, can cause the ejection of the outer

envelope.

It is also believed that a prototype of a neutron star
with a radius ~ 100 Km is formed in the central part of the coll-
apsing supernova core as a result of the bounce and successful
supernova explosion ( which is not yet well understood ). The pro-
toneutron star thus formed contracts rapidly (from radius ~ 100 Km
to ~ 10 Km ) and very soon goes into quasi hydrostatic equilibrium.

According to Burrows and Lattimer iz this rapid contraction almost



terminates within the first 0.1 - 1 s after the bounce. After wards,
due to diffusion of neutrinos, this hot neutron star cools down
and gradually contracts in a time scale of 10-20 s toward a typical

cold neutron star.

The remaining promising mechanism is a Delayed Explosion
caused by neutrino heating on a time scale of seconds ( i.e. diffu-
sion time scale of neutrinos from the core). The total energy rele-
ase by the Fe core collapse in neutrinos of 2-3 x 105:3 erg equals'
the gravitational binding energy of neutron star, because neutrinos
and the particles with the longest mean free path being able to
carry away that energy in the fastest fashion. This prompt mechani-

3,04

sm still have some difficulties to explain such energies .

The other route for the formation of neutron stars is thro-
ugh white dwarfs. Various observations and calculations have forced
to entertain this additional scenarios for the formation of neutron
stars. There are three possibilities :

a) A white dwarf more massive than the Chandrasekhar limit could in
principle be stabilized by thermal energy or rotation.

b) An extremely tight coalescing binary consisting of twoi white
dwarfs

c) Accretion induced collapse of a white dwarf in a binary

But the first and second scenarios are rare while the third one is

now popularising.

The main aim of this review is to see the different possible
sources of neutron star formation, their difficulties with the obs-
ervations, how new born neutron stars are different from usual cold
ones, to what extend they are spun up by the contraction in the

subsequent cooling stages evolving to cold star.

2. BIRTH OF A STAR

It is believed that stars are born from the contraction



of condensed matter of cloud of gas and dust found in galaxy. Typi-

_\ -
cal densities in such regions are around 10 i kg.m 3 ( i.e. about

10‘%

hydrogen atoms per cubic meter ), and infact predominantly
made of neutral hydrogen. For our simplification, we assume that a
cloud of gas is large enough to induce contraction. In these initial
stages the force of gravitation between different constituents of
the objects is so strong as to cause a rapid collapse of the object
as a whole. But this does not occur smoothly. It is rather catastro-

15,16
phic ) . When the radius of the protostaris not too large ( R ~

5 -5 -3

10 Re, Rg being the solar radius ), the density ~ 10 g.cm -

the collapse is rather rapid ( ~ 500 years ), and the ’'Protostar’

v

becomes very luminous . Due to compression, heat is generated
and as a result, a strong internal pressure builds up in the star,
which tends to slow down the compression ---- until the object

settles down to a more or less static states.

When the proto star has been contracting for about 20 mil;ion
years, and at the same time, the temperature at the centre of the
protostar has risen to 10 million degrees kelvin, a critical event
occurs. At this temperature, for the first time, the hydrogen nnuclei
(more precisely protons) at the centre of the protostar collide and
stick together in a nuclear fusion reactions, i.e. the first nuclear

reaction sets in and hydrogen burns, and converted to helium.
3. STELLAR EVOLUTION

During stellar evolution a series of stellar nucleosynthe-

tic processes occur and they are as follows:

a) Hydrogen burning (conversion of hydrogen to helium)
Temperature > 10?'K and duration = 10K) years
b) Helium burning (conversion of helium to carbon, oxygen etc)

3 e
Temperature T > 10 K and duration = 10 years



c) Carbon burning and Oxygen burning (production of 16<Ag28 )

6 X 108K (for Carbon burning)
S

Temperature T

2
Temperature T 2> 10

Duration = 10S years unless nucleosynthesis is explosive

K (for Oxygen burning)

d) Silicon burning (production of 28<A<60)

5

Temperature T ~ 3 to 4 x 10 K

Duration for the quasiequilibrium and ‘e’ process = 1s

e) The s-process (production of theabundance proton rich A > 60)
heavy nuclei )
TemperatureT > 10 £ K
Duration x 103 - 10?—years
f) The p-process (production of the A > 60 )
TemperatureT“)lO‘OK

Duration=z 10 - 100 s (uncertain)

9) The b-Process ( production of Low abundance pyetonyich heavy nuclei )
Tempevatu¥e T S 2 or 3 w10k
3.1 Main Sequence Stage

, Duyation = 10-100s.

Hydrogen burning : The element synthesis begins with the prime-
val hydrogen condensed in the star. This process of converting

hydrogen to helium takes place in one of the two processes (p-p) and
(C-N-0) cycles. The proton -proton (p-p) chain reaction operates in
low mass stars (in the range of 1.5Mg - 2Mg or less) while cafbon
nitrogen oxygen (C-N-O) cycle operates in more massive stars. These
nuclear reactions take a long time (~ thousands million of years).
The long time duration which the star is steadily burning its nuclear
fuel is called main sequence stage in the life of the star. The gen-
eration of energy by hydrogen burning develops internal pressure
which opposes gravitational contraction and the star stabilized on
the main sequence at the point appropriate to its mass. In these

processes no neutron is available in the product.

3.2 Red Giant Stage



Helium burning : When hydrogen burning in a star’s main sequence
stage leads eventually to hydrogen exhaustion i.e. about 10% of the
hydrogen has been transformed into helium, a core remains at the
star’'s centre and the nuclear energy is no more sufficient to comp-
ensate the energy losses. There is first a short phase of overall
contraction, during which the temperature increases inside the star.
When the temperature is high enough for H to burn outside the stellar
core i.e. shell burning (see figl) the outer zone expands while the
core goes on contraction. This contraction leads to increase the
star’s central temperature and when the central temperature becomes
high enough ( ~ 2 x 10%'K ) for helium to burn into C and O, the

star then goes to red giant stage.

For M > 3Mm : During the core hydrogen burning (C-N cycle) the
core temperature was constant at about 107 K. Since the shell will

1 K, the star has a good deal of collapsing to do

ignite at 2 x 10
before the regions outside a core become hot enough for ignition to

take place. The result is a turn toward smaller radii.

For M £ 3Mg : The core temperature (continuously rises through p-p

reaction). Then, when exhaustion occurs, the regions outside the core

are close to the ignition temperature. There is thus a smooth transi-

tion to shell burning without the necessity of the whole star collap-

sing.

Now the consequences of the hydrogen shell burning :

i) for less massive star, the shell will be the sole source of the
star’s luminosity

ii) the shell will be the cause of the density gradient that the star
so desperately needs to support envelope outside the core

iii) the shell will supply the push that sends the star on its way

toward the red giant destiny.

The rate of energy production will depend upon the speed
with which hot gases rise to the surface. With energy now reaching the

surface, the temperature of the surface, which was decreasing, remains



almost constant. At this point, the temperature of the surface is
about 4000K and the star is now red and very very large. It has become

a red giant.

As the star moves into the red giant phase, the star has
a hydrogen burning shell that was causing its non-degenerate hydrogen
envelope to expand and cool. The mass of the core will remain approxi-
mately the same but the core of He will be compressed and slowly
heated. The core is then composed of both He nuclei and electrons.
Although the size of the red giant core is not fully kown in the
compressed state, there is a great deal of uncertainty concerning
the evolution of the star for M > 3Mg . We shall now try to give

a general qualitatively picture of the development of massive stars :

i) 0.8Mg < M £ 3Mg : The Helium Flash

When M is greater than 0.8Mg , the degenerate pressure of the elect-
ron gas is not high enough to support the envelope, so the core cont-
racts and heats up. This heating, of course, affects only the He core
and when the temperature reaches 10% K, the reaction assigned to the

tripple alpha process begins :

q'He + q'He —_— 8Be

B Be + %He . - c + Y
12 .{
Or 3 He —m—————— (o} + + 7.274 MeV (1)

The reaction releases energy but the core cannot expand. The core
explodes within a few hours after the reaction 3X —> c
staf%. This is helium flash.

The explosive release of energy finally produces enough
luminosity to expand the core and lower its temperature. The core
expansion soon damps out — the pull of gravity within the core over-

coming the momentum created by the explosion. The explosion, thus,

is confined and the star does not repture or eject material. The



expanded core is once again a gas composed mostly of He withn some C.
Eventually the temperature at the centre of the star rises to 102 &
as the star collapses. Again He burning begins, but now the core is a
non-degenerate gas. So the energy production rate is controlled. Once a
again the moment will come when core has used up its fuel He and can
no longer produce energy. The same sequence of events now takes place
as took place when the hydrogen was exhausted and the core become He.
The isothermal core i.e. the layers above it will begin to collapse
untill the released gravitational energy starts helium burning in a
shell around the carbon core. Carbon will not burn until temperature
is around 102 K. But with a mass in the 0.8M. — 3M. range, the elec-
tron degenerate core will support the envelope enough so that core

temperature does not rise to the next fusion state.

ii) 3Mg € M £ 10Mp ¢ The Carbon Flash

If the initial mass of the star is in this range, the electron degen-
eracy will not support the envelope and the core will ciontinue to
contract and heat up. When the temperature of the core reaches

~ 10 2 K carbon burning takes place.

2¢ + ‘2¢ s g + Y + 13.930 MevV,
— > 2®Na + p + 2.238 MeV,
—> 2°Ne + He + 4.616 MeV, (2)
—s Mg + n = 2.605 MeV,
—> o +2%Be - 0.114 MeV

Since by this the core is a lattice of solid carbon, the reaction rate
is uncontrollable and the core explodes — a ‘Carbon Flash’. Then

what happens after the carbon flash ?

According to one set of calculations, gravitational collapse
of stars in the 8Mmp<M< 10Me mass range grows a core made of O+Ne+Mg
through shell C burning. Gravitational collapse ensued as soon as the
electron captures made the Chandrasekhar mass lower than the actual

mass of the core. A conductive burning front should however start from



the centre. Burning propagation would later accelerate due to the

growth of hydrodynamic instabilities. The result is that only extreme-

lyslow deflagrations would induce collapse to a neutron star b= 5

While other theories suggest that the O+Ne+Mg cores most likely under-
go central non-explosive Ne-O ignition. The exact values depend on the
amount of mixing in the semiconvective region. Stars would non-explosi-

vely burn in flashes, and later produced through the O-burning and

: . \ \ 23 -24
Si-burning stages just as the more massive stars .

W) Above \OMae
It is believed that helium burning results in the production

of approximately equal amounts of '2c and '®0 in stars in the wide
25-29 2 .
range of masses from 0.5 — 50Mg . Once C is formed, alpha
capture will become active and the reaction products of C-N-O cycle
_ 30-292 ) 33 . '
might produce neutrons and von Weizsacker predicted that

when \3C produced in helium burning is mixed with hydrogen at high

*He by the C-N cycle which in

temperature, hydrogen is converted to
Qs \ . . 2
addition produce 8C. The reaction 1s i C (p, Y ) V3N ( ﬁ+,'ﬁ+) =1GH

That the lgC formed in the C-N-O cycle can act as a source of neutrons

as other particles was proposed by Greenstein 34 ; Cameron35’36,
Fowler etaJ.B? and Audouze etal‘ga . Thus,

2. 4 4He —» S0 + n + 2.214 Mev,

AN 4+ YHe —» BF  + ¥ + 4.416 Mev,

'S — B9 4+ &+ Ve,

180 + FHe —> <'Ne + n - 0.699 MevV, (3)

B + %He —> 22ye + Y + 9.667 Mev,

2lNe + “He —> “*Mg + n + 2.580 MeV

22Ne + %He —> 25Mg + n - 0.481 MeV,

22Ne+ “He —_— 2€Mg + .

Q";Mg + “He — 28gi + n ;

26Mg + YHe —> si + n ,

and the special case

2
°si + fHe —» 2?3+ n - 1.530 MeV, (4)



36

%5 + YHe - A + n - 2.0 Mev

Concerning the alpha capture process in the red giant phase, ¢ and

g . g . 5 1 .
Ne take part in major reaction while very little 76 remains for

13

helium burning. Cameron emphasized the C (e, n) '®0 reaction as

neutron source, if it is postulated that considerable mixing between
core and envelope takes place during the giant stage. The hydrogen

from the envelope interacts with 2% produced in the core ( 3 4'He _—

‘QT:) and maintains constant supply of lgC at such a rate that little

| \
‘4N is produced by the ’3C ( p,ﬂ ) 4N  reaction. It is also mentioha-

ble that if \ZC is mixed into the cooler outer regions of the core,

13

where C is burning, then ‘lC captures the protons produced ffrom the

. . \3 . .
reaction 14‘N ( n, p ) and replenishes the C. This permits all neutrons

produced to be used for heavy elements synthesis just beyond bGFe.

?.
But Fowler etal proposed another reaction as an altern-

4

- . , 20 2 .
ative source of neutrons. The reaction is Ne ( & ,n ) Mg. According

to their proposed method loNe, produced in the helium burning stage,

is converted into 2} Ne in the hydrogen burning shell at about 3 - 5 x

‘?

10 K surrounding the helium burning cores of red giant stars. The

2l Ne then interacts with helium to produce neutrons which are captured
by iron group nuclei to produce heavy elements. Of course, these reac-
tions willhave to satisfy some conditions that the production of 2l Ne
from the reaction 20Ne( p,‘X ) 2\Na (é+,'9+) Z\Ne is faster than the

21

. 22 . 22
production of Na from the reaction Ne ( p , 8 ) Na4; the consumpt-

2iNne b
ion ofk 2'Ne ( «, n ) i24Mg before helium is depleted in the core, etc.

) . . 40-473 12 16
Recent investigations show that the C ( X,n) o]

as well as 2Q‘Ne. (X +r n) 25—M

g is a possible neutron source for the
nucleosynthesis in this stage. To know the exact dominant role of the
22 Ne ( ,11)'2§Mg reaction Parui4¢¥ has suggested to investigate

through the reaction rate measurement of it.

In this alpha process, heavier nuclei are formed by successive



fusion with more and more helium nuclei. Thus we get 1%3, 20Ne, 24Mg,

rgsi, 328, etc. This successive addition of an alpha particle can not

0,45 .
39, 46 because coulomb repulsion grows stronger

go on indefinitely
as the nuclear charge increases. Beyond silicon or sulphu the process
operates in a different manner. For stars whose mass is greater than
20Mg , the core temperature can reach 3 x 109 K so that Si can burn
combine with another Si to form Ni via 2853 + 2%g3 —_— 5€Ni. This

is a particular important reaction since nickel decays to cobult via

- 4 .
TSE‘Ni —_ lD‘;Co + e+ Y and cobult decays to iron via ‘I%Co >
SBFE + eﬁ' + . The decay chain ends since 56pe is stable. The

process terminates when these three nuclei , i.e. Ni, Co, Fe of the

iron group are formed.

3.3 Ca.rbon Core Burning

During the helium burning phase, the predominant nuclei

are ‘ZC and 160, When the temperature os greater than 1023K, carbon

will begin to react with itself according to the reactions in eq (2).
Recently Arcoragi etal 47 have investigated the core carbon burniné
of the massive stars having masses 15Mg and 30Mg respectively.
According to them, during central C burning, the neutron capture nucl-
eosynthesis develops upon the seed nuclei left by the previous core

He burning. The neutrons in the C-burning core of 15Mg and 30Mg stars
are essentially produced by QZNe (x, n) ZgMg, the corresponding flux

being shown in figs. 2 and 3. Their result may appear somewhat surpri-

sing in the light of the analysis by Arnett and Thielemann‘L%, Cameron>©

3 .
who identify \ C (X, n) 'GO as the dominant neutron producer

in the relevant conditions. They also noted that the neutron

i3 16

production efficiency of C(o¢ysr ) O can be drastically reduced

if the production of ‘BC via '%c ( p, 9 ) \3n ( /3+ ) 3¢ can be

counter balanced to a large extended by 3y ('y , P )\Q-C which is the

29

case for high temperature T > 8 X 108 K. They found that Ne (c<, n )

22 P

24Mg can be as an efficient neutron producer as Ne ( X, n )7~ Mg at



one point or another in the evolution of some of the C-burning layers.
The last potentially important neutron source 2€Mg ( (s n) 2881, is

by far least active.

They also found that in both 15Mg and 30Mg stars sequences,
the neutrons produced in the central C-burning regions are mainly
captured by 20Ne , which is one of the main direct products of C-burn-

A9 5

ing and by Mg , which is mainly built up for *% Ne (K, n )ZEMg.

3.4 Helium Shell Burning

After central He exhaustion, the stellar core contracts rapid-
ly and as a consequence, layers above the He exhausted core heat up,
and a He burning shell develops. That shell comprises two regions --
inner zone and outer zone which are seperated by a composition disco-
ntinuity. The chemical compositions of the inner zone of the He burn-
ing shell is almost identical to the composition at the end of He

burning. The involving neutron sources are '3 léO,

2

C(x )
‘Ne (&, n ) >*ug, 2’Ne (X, n ) 25Mg and 25—Mg(o<, o
Arcoragi etal have also investigated the He-burning shell for the
star of masses 15Mm and 30M@ respectively. During central C-burning
the case of shell He burning is somewahat more complicated, since
some of the He burning layers were part of the He burning core that
receded at the end of central He burning, and left small amount of
unburning He and a non-negligible enhancement of heavy elements. It
appears in their result that‘ZlNe (e, n) ISMg reaction fails badly
to produce a significant amount of neutrons. They also evaluate the

13 C ( {,n) 16O in the He burning

role of 2lNe( %, n) 2r5Mg,
shell qualitative ground. Their result shows that the region of the
He burning shell, of both 15M@ and 30Mg stars, where noticable neu-

tron fluxes are ontained does not contain more than 0.1Mg of material.

3.5 Oxygen Burning

S

At about 2 x 10”7 K, oxygen will also react with itself acco-



rding to the reactions :

60 + %0 5 s+ ¥ + 16.539 MeV,
—> P+ p + 7.676 MeV,
— s + n  + 1.459 Mev, (5)
—> 28gi + %He + 9.593 MeV,
—> **Mg + 2 *He - 0.393 MeV

Thus we see that neutrons are produced when reaction yields are

22Mg and 3‘3.

3.6 Silicon Burning
At the end of carbon and oxygen burning, the most abundant
nuclei will be 32S and 28Si with significant amount of 24Mg.
Because of the binding energies for protons, neutrons and alpha part-
icles in 3Q‘S are smaller than those in 2?Si, the nucleus 32s will

be the first to photo-disintegrate according to the reactions :

3|

25 4y —_— P +p - 8.864 MeV,

Bp o+ Y —> 2°si  +n - 7.287 Mev, (6)
©gi o+ Y —_— 29si +n .

g9si + Y —_— 2"Ssi + n

The resulting reactions will leave a little amount of Si. Most

4

] . = 0 0 '
nuclear species between 2853 and Co ( except neutron rich species

SIS 53
368, 40Ar, 43Ca, 46Ca, 48Ca, T1i, 1:-’A}'Cr, Fe ) are gene-
rated by quasi-equilibrium processes in which the only important
thermonuclear reaction rates are thought to be those of the bottleneck

R c
nuclei 4Ca, 4580, 45&1.

4., PRESUPERNOVA COMPOSITION STRUCTURE

Fig. 4 illustrates the evolution of the internal structure
of the 20Mms star = . The locus of the points where the maxima of

nuclear energy generation by C-burning and Ne-photodisintegration



occur are indicated by the hatched lines. The composition structure

51,5
at the presupernova stage =

10 '© g cm > shown in fig. 6 is as follows :

with the central density ]%_= 2 X

i) Fe core of Mr < 1.40Mg , which is composed of nuclear statistical
equilibrium elements, i.e. iron peak elements and a trace of “He,
free proton and neutron.

ii) Fe-Si layer at 1.40Mg < Mr < 1.48Mg composed of two quasi-statistical
equilibrium clusters, i.e. a Fe cluster and a Si cluster. The

neutron excess is 7l= 0.012
iii) Si rich layer at 1.48Mg < Mr < 1.67Mg composed of a Si quasi stati-
stical equilibrium cluster.
(mainly 2%si, 2%, 3%s, ®ar ) where M = 0.012 for Mr < 1.63Mg
and 7 = 0.0026 from 1.63Ma < Mr < 1.67Mg. The neutron excess in
this layer is important for the synthesis of neutron rich iron
peak elements but subject to uncertainties involved in the electron
capture rates and the time scale of mixing of neutron rich species
from the bottom of the convective Oxygen and Silicon burning layers.
iv) Oxygen rich layer at 1.67M. < Mr < 3.66M. composed of l%n 20Ne,
24Mg and a trace of Si, Al,Mg and Na isotopes with 7 = 0.0016.
v) Carbon and OXygen layer at 3.66Mg < Mr < 3.76My with a trace of
Na, Mg, and Ne isotopes.
. : . = L 12, 16
vi) Helium rich layer at 3.76Me|< 5.71 Me which includes Cr 0,
\80, 22Ne and ngg. These elements are produced from alpha capt-

16 138

d . 12, |4
ure reactions in the C (, f ) O and N ( =, ) ) F

12 . .
( B+') 0 ( <<, N ) 22Ne (e, n) ZS.Mg. reactions in the conv-
ective helium burning layers. More investigation needs to know the

role of last reaction leading to s-process nucleosynthesis EESE

vii) Helium layer at 5.71 Mg < Mr < 6.0 Mo composed of “He and '*n.

5. SUPERNOVA STAGE

Towards the end of the Si burning process, the core of the
star has reached a temperature in excess of 1059 K and iron group nuclei

are available. These heavy elements are known as product of stellar



death. When the core has exhausted its supply of Si, the Si + Si ——>

Ni shuts off and the core of the star contracts until we get burning in

a ring about the Fe core. Again when the temperature further increases

in the iron core, the iron core can only decomposed into elements of
lower average binding energy which means a net absorption of energy and
ultimately collapse of the core. Now the question arises -— what doeé
the collapse lead to ? Some suggest a violent explosion, a supernova with
a neutron star left behind. Other argu that no such explosion can take
place and that a blackhole must result when the iron dissociates. Thus,
when a massive star has reached the end of its nuclear fuel, it can
become a supernova. A supernova arises when the core of a star collapses
under its own gravitational contraction, releasing energy which causes
the outer envelope to explode, i.e. the inner part of a star undergoes an

implosion, while the outer part undergoes an explosion.
6. SUPERNOVA PROGENITOR TYPE THAT MIGHT LEAVE NEUTRON STAR
There is a general understanding that massive stars explode,

as supernova (SN), at least those do not collapse directly to make black-
hole. Supernovae are classified into two main groups type I and type II.
i) Type I : Two subclasses of type I supernova are commonly believed to
arise from core collapse explosions in massive stars. They are spectr-
oscopically characterised near maximum light by the presence (called
type Ib ) or absence ( called type Ic) of strong optical helium lines.
Their late time light curve indicates a range of progenitor masses from
54-60
~ 5 to 10Mg .
Type Ib: The presence of helium and the lack of hydrogen implies SN Ib
progenitors are helium cores of massive stars that have lost their
entire hydrogen envelopes. Allowing for a neutron star remnant, the SNIb
light curves suggest the core masses range from ~ 5 to 10 Mg correspond-
ing to main sequence masses of ~ 15 to 30Me . Such stars would be expec-
ted to explode following Fe core collapse to form a neutron star ( and,
for the most massive progenitors, probably a blackhole ) = c

Type Ic : Based on the narrow peak and rapid post-maximum decline of the



mase

SNIc light curves, Shigeyama etal <2 argued that SNIc are the low mass

c G4 showed

versions of the helium star while Swartz etal s and Swartz
that SNIc’s must be helium deficient and SNIc explosions are therefore low
metal rich events. The helium layers of a massive star can be lost in
wind  in single star evolution, but the initial star must be extremely
massive and the resulting oxygen core may be to massive to reproduce the

SNIc light curve S :

The estimated mass of the immediate progenitor, presumed to be
a bare C-0 core of ~ 2 to 3 Mg , corresponds to main sequence masses of
again about 10 to 15Mg, or perhaps a little larger. Thus, the main
sequence mass of SNIc progenitors could be comparable to those for SNIbQLé?
i.e. the process of loss of the helium envelope is important. Two cases
arise: .
a) The process of loss of the helium envelope by mass transfer through
Rochelobe overflow could occur in either the primary or the secondary.
In this case, SNIc events could have either an unevolved or a compact
companion. If the mass transfer from the helium core of the secondary
takes place, the secondary'’s explosion may leave two neutron stars EGES
(i.e. may be involved in the production of binary pulsars )
b) Tidal instability : Instead of helium envelope Roche lobe overflow
tidal instability may remove helium from the core. This occurs through
a common envelope phase &3 followed by mass and angular momentum loss
from the system. To account for SNIc, for low mass helium cores, this
tendency of the radius to expand may lead the common envelope process.
continues until the oxygen core is exposed i.e. a comon envelope process
may be thorough in removing an extended envelope than the Roche lobe
overflow process. If this is the primary route to SNIc, then the proge-
nitors should all have neutron star companion and two neutron stars,
either bound or unbound, should be left after explosion SIS
ii) Type II : Supernova type II (SNII) exhibit a wide range of spectral
and photometric properties but by definition, all display hydrogen

Balmer lines in their spectra. Two distinct subtypes can be identified bas
based on the observed B light curve morphology : those with a phase of
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nearly constant luminosity following maximum light (SNIIP — P for
Plateau ) and those showing a linear decline (SNII-L).

a) Type IIP : The generic SNIIp light curve is well understood SRR
as the result of the explosion of a moderately massive red (spectral
type M) supergiant. The plateau phase lasts weeks to months implying

a progenitor mass of 10 to 20Mg ( and larger if moderate mass lass pre-
cedes the explosion). Stars within mass range grew Fe cores which
collapse to form neutron stars or , perhaps, blackholes. At the low end
of this mass range degenerate O-Ne-Mg cores may form. These probably
collapse to for neutron stars-:ﬂ"'?€>
b) Type II L : The emperical evidence for homogeneity among most SNIIL
is probably the most straight constraint on the progenitor mass, radius

o require a regul-

and previous evolution. Light curve calculations
relatively low hydrogen mass at the time of explosion to prevent the
plateau phase characteristic of the SN II P events.

For typical SN II L, the light curve can be fit with an
O+Ne+Mg core collapse ejecting a helium enhanced envelope of 3-5 Mg

(hydrogen mass ~ 1Mg ) and of initial radius R ~ 400Km R577' . Such a

8 and implies that

radius is comparable to that deduced for SN1993J
the progenitors may have been G or K, rather than M, supergiant. The
progenitor envisioned would envelope as a single star from an initial

mass of ~ 8 to 10Mg , experience some mass loss (consistent with the
radio, UV, etc ) and explode at the tip of the asymptotic giant branch
.after its surface layers have been helium enhanced. It is not clear .
whether such stars are sufficiently helium enriched, though standard evolu
tion suggests that convective core contraction on the main sequence and
dredged up by the convective envelope will increase the helium abundance

. . ¥9-939
while hydrogen will be depleted by mass lass.

7. SUPERNOVA EXPLOSION

In case of supernova explosion, the temperature becomes so hig
-h (T> 4 -5X 109 K) during a short time scale ( ~ lsec) that many

nuclear reactions do occur and usually transfer the final abundances
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of the ejected mass. Thus, the explosion of supernova does not only lead
to a strong outburst of energy but also to the formation of a remnant
which remains energetic for a rather long time 10 4 to losyears 3,

The hypothetical mechanisms which trigger the supernova
explosions are
i) Fe-Photodisintegration ( or prompt mechanism )
ii) the neutrino transport ( or delayed mechanism )
iii) the rotation energy transfer from the central pulsar

iv) the C-detonation

The C-detonation in principle can take place in stars of mass 4 to 8 Mg
which end up their evolution at the stage of C-burning. The explosive
burning of C in a degenerate core can trigger a supernova type explosion
but in this case a remnant can not servive. This explosive process also
induces a large production of Fe which is in disagreement with the
observationstaz. As we are interested on neutron star formation, so we
shall not discuss each mechanism in details. Only we shall discuss

about the current picture of supernova explosion mechanism which can

occur in the case of stars more massive than 8Mes .

7.1 Prompt Explosion Model

Massive stars (M > 8Me ) develop iron cores of masses close to

the Chandrasekhar mass Mch =~ 5°3\4 yéz- Mo

where Ye being the electron number fraction) by burning hydrogen to inc-
reasingly heavier elements ( He, Ne, Mg, C, O, Si etc ). The generated
energy prevents the star from gravitational contraction. At the end of
these successive, quiet burning stages the appearence of elements of
the iron group, the most tightly bound nuclei, does not allow for any
further energy release by nuclear fusion reactions in the core of the-
star. Therefore, the core cannot escape instability when its mass
exceeds the Chandrasekhar limit. As soon as the central density reaches
values high enough for neutron decays not being able to compete with
electron capture any longer, the central pressure, dominated by degene-

rate electrons, is reduced significantly and contraction turns into a
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collapse dynamical time scale i.e. essentially on the free fall time
scale i.e. essentially on the free fall tim escale about a hundred
milliseconds. At this point the central values of temperature, density
and lepton concentration are typically T = 10'° K, ~j€ = to'® g cnfz
and Ye = 0.42 respectively. The core extends to a radius of roughly
100Km.

Fig.7 represents the picture of the innermost 15Me of 25Me pre-
supernova model. These four 25Mg presupernova models are calculated with
the help of different values of the semi convective diffusion parameter
and rate for the HZC (cg,'Q )\60 reaction rate. In f£ig.5 we see that most
of the differences can be traced to the smaller C-O core obtained when
semiconvection is restricted. This gives less heavy element productioﬁ
and smaller iron core (see table 1)% _9‘. Woosley etal ®° have raised
a possibility that very massive stars endowed with large mass loss
rates may lose, not only all of their hydrogen envelope, but a portion
of their helium and carbon-oxygen core as well.

44also arqued same possibilities. Density (fig.8a)

In 1987 Arnett
and chemical composition (fig.8b) vs mass for the inner most stellar
model of Arnetéuire shown in fig.8. This model has a 4M@ helium core, a
1.5Mp oxygen core , and a metallicity z = 2@ /4. The density profile s
shows two steep drops, which occur at the H/He and at the He/C-0 inter-
face. Muller eta193 have suggested that these regions will become unst-
able due to the passage of the shock. When rotation is unimportant, the
collapse, triggered by increasingly faster electron captures and additi-
onal photodisintegration of heavy nuclei, proceeds until nuclear matter
density is reached. When the inner part of the collapsing core decelerates
and bounces, a shockwave is generated and driven into the supersonically
falling outer part of the iron core. According to the current picture,
this shock wave is expected to give rise to the supernova explosion, if
it survives the grave energy losses by disintegration of heavy nuclei
and neutrino emission and eventually reaches the edge of the iron core

and runs down the steep density gradient in the outer shells of the

evolved massive star.
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As the shock wave propagates through the Si and O rich layers,
explosive nucleosynthesis takes place behind the shock 83, 94-96
i) Explosive Silicon burning --- Explosive Si burning takes place at
T > 4-5 x 10 o K and can be divided into three different regions:
complete Si burning with either a normal or alpha rich freeze out,
incomplete Si burning o 5
Complete Si exhaustion at T > 5 X 10$)K produces only Fe group nuclei.

The most abundant nucleus in the normal and alpha rich freezeout is

56Ni if Ye > 0.49. For the less abundant nuclei the final alpha capture

; . . . BT, 5.,
plays a dominant role transforming nuclei such as 156Nl, Ni, and Ni
. €0 &l 62. . .

into Zn, Zn, and Zn in an alpha rich freezeout where also trace

abundances of AACa4 44Tiq 4%Cr and132Fe are obtained (see fig.9a).

In complete Si burning takes place at T ~ 4-5 X 109 K. Besides the domi-
nant fuel nuclei ngi andeS, the alpha nuclei 3G.Ar and 40Ca are most
abundant. Partial leakage through baottleneck above 7Z=20 produces BENi
and 54Fe as dominant abundances in the Fe group. Smaller amounts of

52 Fe, 58Ni, IsgCo, and E;?Ni are also produced.

ii) Explosive Oxygen burning : At temperature T > 3.3 X IOE’K, a quasi-
equilibrium is established among nuclei in the range 28 < A < 45. The’
main burning products are(lgsi,gzs, 36Ar, 40Ca, 28Ar and 34‘8. 2?S, g?K,
ge;Cl, 42Ca and 3?Ar are also produced ( mass fraction is less than 162')
In zones with T ~ 4 X 109 K there exists still a contamination by the Fe
group nuclei sq*Fe, SC’Ni, ra?‘Fe, kSSNi, ts-';.Co and l>7—Ni.
iii) Explosive Ne and C burning : Zones with temperature T > 2.1 X 10c7K
undergo - a combined version of explosive Ne and C burning. The main
burning products are 16O, 24Mg and 28Si. Besides the major abundances,

29 . 32 o,
C,Sl, S, 3 Si

20Ne, 2';’Na, 24M

2
Ne burning supplies also substantial amounts of .¥Al,

and 3|P and C-burning contributes in addition the nuclei g,
6 .
QA;Mg, and E Mg (see fig.1l0).

As the shock wave propagates through the surface , the shocked
layers undergo acceleration and deceleration. In particular, the composi-

tion interfaces of hydrogen/helium and helium/C+0 are strongly Rayleigh-
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Taylor (RT) unstable which induces mixing of material before the shock
breakout at the surface. In fig.1ll, the velocity distribution for the
homologous expansion is shown for typical hydrodynamical simulation

models 14E1 and 11E0.6 q$,99. 14E1 model denotes the model with ejected
mass Mej= 14.6M. and the final kinetic energy of explosion E= 1 x 1051erg,
while for 11E0.6 model Mej = 11.4Me and E= 0.6 X 10‘5'ergs. The velocity
gradient with respect to the enclosed mass, Mr, is very steep near the
surface, while it is almost flat in the helium layer and the heavy eleme-
nt core. This is because the core materials are decelerates and form a
dense shell due to the reverse shock when the expanding core hits the
hydrogen rich envelope. The kinetic energy of the helium and heavy element

layers is only 10% of the total kinetic energy.

Fig.12 a) and b) show the evolution of the pressure profile and

the density profile of the exploding star, respectively, based on the '
analysis of the explosion for model 14El perfomed by Ebisuzaki etal‘oo s
Before the explosion, pressure gradient is negetive being balanced with
gravitational attraction (stage O). After the blast shock passed, the
layer expands to decrease the pressure rapidly. When the blast shock is
propagating through the hydrogen rich envelope with a much less steep
pressure gradient, an inwardly propagating reverse shock forms (stage 2-
4). The layer between the blast wave and the reverse shock is decelerated
and thus has a pressure gradient, an inward-moving rarefaction wave forms
and produces a negetive pressure gradient that accelerates the matter out-
ward (stage 5). As a result, the H/He interface is first accelerated, then
decelerated, and finally accelerated again; i.e., the pressure gradient
changes its sign twice. The He/Metal interface also experiences similaf
acceleration and deceleration.

Similarly, in case of density profile ( fig.1l2b ) near the H/He
and the He/metal interfaces (dashed line), the density steeply decreases
with radius because of the changes in the mean molecular weight ( u )
and the specific entropy (s). During the hydrodynamical stages of explo-
sion, the sign of the gradients of Eﬁ“ and 's ' and , hence of the density

near the composition interface donot change. It is also clearly seen that



2.2

( from the above figs ) the pressure gradient is positive during the dece-
leration phase (stage 2-4 for the H/He interface), while the density grad-
ient remains negetive near the H/He and He/metal interfaces. These layers

are also Rayleigh-Taylor unstable.

In the two dimensional (2-D) hydrodynamical simulation a
large nonlinear growth of the R-T instability are found around the He/C+0
interface, but only a limited growth around the H/He interfaceEOF‘o? Hac-
hisu etal ot found that the instability grows much more extensively at
the H/He interface rather than at the He/C+O interface (see fig 13a). In
their 2-D calculation 5% perturbation is applied to the velocity field
just after the blast shock hits the hydrogen rich envelope ( ~ 10 s after
the explosion). The R-T instability sets in at the H/He interface and
continues to grow until the blast shock breaks out of the hydrogen rich
envelope. The growth time to nonlinear regime is about t = 1000s and the
mushroom structures become apparent at time t=2000s. The R-T instability,
being initiated first at the H/He interface, induces the mixing between
the core and the envelope. Fig.1l4 clearly shows that the heavy elements
(core material) are mixing upto the middle of the hydrogen rich envelope.
The abundance distribution after mixing is a function of mass and the
expansion velocity (as shown in fig.15 ). The core materials composed of
C+0 and silicon rich elements are mixed upto the layers having expansion
velocity ~ 2200 km/s. At the same time, hydrogen is mixed down to the
core of expansion velocities as low as ~ 8060 km/s 20 . These velocities
are close to the terminal values, since the shock has already broken out
of the hydrogen rich envelope at this time.

After the initial explosion energy is put into the star, the
central temperature is extremely high. As a result, the time step required
for stability is very small. In the beginning the neutrinos produced by
electron captures onto protons and nuclei can escape nearly unhindered
due to their small cross sections of the order of 10-44'cm9’ . As the
collapse proceeds and the average density in the core rises, the opacity

for neutrinos increases, too, and eventually neutrinos become 'trapped’



inside the core when their diffusion time scale exceeds the time scale of
dynamical changes. It is not earlier that the lepton fraction in the
matter frozen in and the created neutrinos are able to come into local
chemical and thermodynamicalequilibrium with the stellar material. As long
as this is not the case, deleptonization and moderate entropy generation
influence the collapse behaviour of the iron core, the position where

the shock wave will be formed and the initial energy of the shock. Accord-
ing to Cooperstein i this prompt explosion model is operating for
small progenitor masses ( 10Me < M £ 15Mg ) with the iron core mass

< 1.35M@ . The shock is expected to proceed without stalling and would
reach the core envelope boundary in a few tens of milliseconds. Recent
computations Pl exhibit a tendency that for stars with masses
larger than about 10M. the shock wave is not energetic enough to overcome
the strong energy losses in the iron material and stalls on its wayout,

becoming an accretion shock at a mass position of 1.2 - 1.3Mp i.e. signi-

ficantly inside the edge of the iron core.
7.2 Delayed Explosion Model

In the above discussion we see that the shock is not successful
in propagating out on dynamical time scales, and 'this prompt’ mechanism
appears to fail to answer the collapse events during the first 20ms
(sound crossing time for the core), the propagation and initial death of
the shock which set the stage for what follows. An alternative picutre,

called Delayed Explosion by neutrino heating, originally proposed by

127 123

126
Colgate and White , newly proposed by Wilson and Bethe and Wilson

129
extended by Goodman etal and numerially tested by Wilson and Mayle 2o

’
Mayle and Wilson 131 . Here the shock stalls at a radius of a few hundred
km, having lost energy in dissociating nuclei and in radiating neutrinq
pairs that escape from the star. But over time scales of the order of a
second, the shock is revived through the heating action of a small fraction

128, V32

of the neutrinos streating out from the neutrino sphere However,

the heating rate depends sensitively on the nuclear statistical equilibrium

}
of the matter behind and this is to be handled in a self-consistent way c
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Not only that the ’success’ of this delayed mechanism depends sensitively
on the neutrino luminosity and temperature.

As this Delayed model involves star of larger masses, the
inclusion of rotation may , therefore, be the crucial for the correct
modelling of a type II supernova explosion. Because
i) stars and specially massive stars rotate in general\34' , and because
of ii) angular momentum conservation and the increasing centrifugal forces
already small initial rotational energies may change the standard collapse
picture completely\gs_ . So we shall fist discuss about the core collapse

with rotation and then neutrino heating.

7.2.1 Expected Effect due to rotation

i) Core stabilization : The collapse of stellar iron cores is
initiated by electron captures on nuclei and free protons and by nuclear
photo-disintegration process. Both effects lower the pressure and the
index " = (D 1nP /D 1lnyf ) / Mdefined for a mass element M along
its trajectory. In the absence of rotation, the core becomes dynamically
unstable if 1 < 4/3.

The collapse of a non-rotating core is characterized by the
formation of a subsonically and homogeneously contracting inner core
and supersonically falling outer core. During collapse the mass of the
inner core is roughly equal to the Chandrasekhar mass which itself dep-
ends on the mean diminishing lepton concentration of the inner core.

The collapse of the inner core cannot be stopped before nuclear matter,
densities are reached. At this stage, the adiabatic index rises sharply,
which leads to the ’‘bounce’ of the inner core. A shock wave is formed
near the edge of the inner core and propagates outwards through the iron
core. The shock wave either turns into an accretion shock inside the
iron core or reaches the stellar mantle causing a supernova explosion.
In massive iron cores the shock suffers from severe energy losses mainly
due to photo-disintegration of nuclei and stalls inside the core about

&, 13
10ms after core bounce ' = ]

The main difference between the collapse of rotating and non-
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rotating cores is that in rotating cores centrifugal forces may stop the

el 123 - 142 :
collapse before nuclear matter densitles are reached . van Ripper

etal i , Cooperstein and Baron < , Monchmeyer \lﬁ;showed that the
stability and hydrodynamical evolution of a collapsing iron core are not
determined by the adiabatic index Y =( olnP /O 1lnf) J =N

[ at fixed entropy's'and electron concentration'Ye|)|44. but instead by
an effective index U = (DlInP /D 1nlf’) I“A calculated along a
collapse trajectory of a given Langrangian mass elements M, i.e. the
stability is influenced by electron capture and non-adiabatic processes.
In addition, they have also shown that even a small amount of initial
rotational energy can be sufficient to stabilize a core at densities less

than nuclear matter density, provided that angular momentum is conserved

during the collapse and that [' has a value close to 4/3.

ii) Collapse Time Scale

Due to conservation of angular momentum and the resulting incre-
ase of the centrifugal forces matter willnot fall in on radial trajector-
ies. In addition, matter in the equatorial plane will not fall towards
the centre as fast as matter at the polar axis. Especially this last
effect leads to a progressive flattening of the core. In comparison to, a
spherically symmetric configuration the collapse time scale is longer in
rotating model.

iii) Core Oscillations

In contrast to spherically symmetric cores, which come to rest
soon after boounce, the kinetic infall energy of a rotating core bouncing
due to centrifugal forces will be converted into oscillations, which are
damped by non-spherical pressure waves. Therefore, after bounce a rotating
core will oscillate with a superposition of various axisymmetric radial
and surface modes whose frequency is determined by the average density of
the inner core. It is observed through simulations and analytical consid-
erations that the radial oscillations will become layer and nonlinear, if
the collapse is stopped just before nuclear matter densities are

125, 145
reached .
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iv) Convective Mixing
One dimensional simulations show that a negetive entropy gradient
is established behind the shock after photo-disintegration
losses have been weakened if significantly and this region of decreasing
entropy is unstable against convection provided that the stabilizing

146 1477

lepton gradient is not too large . Arnett has first pointed out
the possible importance of convection for type II supernova explosion but
it is still debated whether convection indeed helps the propagation of the
shock or not ‘443’1‘¥9. The important point is that for rotating cores
mixing of high and low entropy matter may be enhanced, if convectional
currents are supported by vortices resulting from rotation in regions,
where deformed surfaces of constant pressure do not coinside with isopycnic
surfaces. On the other hand, it has been argued that rotation may have a
stabilizing effect on certain types of convective instability modes e
However, the interaction or rotation and convection for centrally condensed
and differentially rotating objects is not yet fully understood. .
v) Shock Propagation

The propagation of the shock wave is influenced by rotation because
of several effects EChR LT S .
a) Rotation can lead to a bounce at low densities than in the non-rotating
case, which means that the kinetic infall energy of the inner core and
consequently the initial shock energy of rotating cores is reduced.
b) Rotation on the other side tends to enlarge the mass of the inner core,
because it changes the velocity profile and stops the collapse before (due
to electron captures) the mass of the inner core can shrink to values
found for spherical models at bounce. Numerical results show that the mass
of the inner core increases by roughly 10 - 20 % for initial values of
0.01 < B < 0.02 ( where B = the ratio of rotational energy to potential
energy ).
c) In the outer core the binding energy gained during collapse is transfe-
rred both into rotational and kinetic infall energy. According to the

135

Virial theorem rotation acts like a 'j = 5/3 gas . It therefore

helps to stabilize the shock heated matter in the gravitational potential
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i.e., a large part of the dissicipated kinetic infall energy can support
the expansion of the heated matter behind the shock front until equilibrium
is reached at larger radii and at low potential energy. The resulting
compressional work adds upoto the work of the expanding inner core and
strengthens the shock.
d) Centrifugal forces considerably reduce the ram pressure of the superso-
nic flow in comparison to one dimensional model.
e) The asymmetry of the supersonic flow gives rise to an angular dependent
propagation speed of the shock wave. This effect will be evident in the
dissipation rates of kinetic energy and in the maximum entropy values
obtarined behind the shock front. Combined action of these effects will
strengthen or weaken the propagation of the shock wave depending upon the
amount and distribution of the angular momentum of the core.
vi) Tri-axial Instabilities

Due to conservation of angular momentum it cannot excluded that
configurations may form during core collapse, which are unstable against
triaxial deformations on secular or even dynamical time scales|34"2e’r39
, if B > 0.14 and > 0.27 respectively. Whether these instabilities
indeed do occur is a nontrivial question : If the equation of state at
sub-nuclear densities is stiff, i.e., if the adiabatic index is very close
to 4/3, the core may be stabilized before its rotational energy exceeds

the critical value B)exi%' = (2/3) (2 -5B) / (1-2B ) or

=)

@cﬂ3¢=(1/2)(4-3}/)/(5-3))).
If on the otherhand the intial amount of rotation is small enough for the
collapse to proceed to nuclear densities, 43 > 0.14 may not be reached
before bounce ( see fig. 17 ).

7.2.2 Core Collapse
i) Core collapse with rotation : Shapiro and Lightman 37 first
give the idea that the properties of the core at the end point of its
collapse can be estimated without performing a detailed collapse calculation

They used a Virial relation to determine global properties of rotating

equilibria and examined these properties over a wide range of paramters
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so that guide lines could be established for more detailed hydrodynamical
simulations, which have to be restricted in parameter space. This approach

138 139 ( hereafter

was later extended by Tohline and Eriguchi and Muller
EM ).

Following Tohline let us assume that the adiabatic index of a
rotating core ( B = p[ ) in a stable equilibrium condition suddenly
decreases to a certain value smaller than 4/3 due to electron capture
processes and due to photo-disintegration of heavy nuclei. The equilibrium
parameter Fp,, defines a function Fom( 3 ,'Y ) which is very useful for

a qualitative description of rotational core collapse and can be written as

( for details see ref. 135, 138, 139 )

_2 -3 4 —10Y , &¥—
FEM :‘(94 |g4 Y)/(][?x 5»,34 YJLM j-:ry %j

Wheve o = Eiﬂ\ _ c*R .&
= = | = &m ™
pot

B =

E el \JZR_‘ <8>
] Epot \ - GM /S_‘B

62% > % B > ifw\, i"j' are dimensionless factors depending on the
details of the structure of the rigidly and differentially rotating poly-

tropes considered by Eriguchi and Muller.

c = the average sound speed in the core

v= the rotational velocity at the surface of the core

M, R are the spherical core mass and radius respectively. Eth,

Erot, Epot are the thermal energy, rotational energy and gravita-

tional potential energy of the core.
Fig. 16 shows the equilibrium parameter Fpn @s a function of B for
various values of the adiabatic index. We see from the fig.16 that the
collapse must proceed along a horizontal line since Fg, is constant
during collapse, if as assumed the mass and the total angular momentum.

of the core are conserved during collapse. It is immediately obvious that
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there exists only one equilibrium state for Y > 4/3, because F ., is a
monotonic function of [ in this case. For Y < 4/3, there exists two
equilibrium stateswith the same mass and the same angular momentum, one
of which is dynamically unstable, and the other of which is dynamically
stable against radial modes (i.e. collapse). For a given adiabatic index
the unstable ( stable ) equilibria correspond to all points to the left
(right) of the maximum of Feu (B ) at B = P max. So the drop in the
adiabatic index can be envisaged by a shift down along a vertical line,i.e
Fg\,, decreases with ﬁ = /3{ being constant. If pB-is smaller than ﬁmwm’
the core is in an unstable equilibrium configuration with the same value
of Fgm but with a different value of ﬁ , say F# . Two constraints arise:
1) the first constraint has to do with the fact that stellar cores typi-
cally start collapsing from a density of a few times 10 = g/cm3 , and
that therefore a density change of a factor of 10 > will lead to neutron
star densities in the core. Consequently the basic assumption of b being
roughly constant and smaller than 4/3 is no longer valid, because the .
equation of state drastically stiffens ( f > 2) beyond nuclear matter
density.
2) The second constraint follows from stability consideration. We know
that MacLaurin spheroids are secularly and dynamically stable w.r.t. non-
axisymmetric perturbations, with angular dependence eh“¢>( m=2 ) if

B doesnot exceed a value of about 0.14 and 0.27, respectively e .
If we consider differentially rotating ploytropes, the critical values of
@ change slightly\zg'\5£2—|5m.. Later Imamura etal‘gg-and ManaganI
showed for instabilities caused by gravitational radiation reaction that
in contrast to the m=2 bar mode, the secular stability limits for higher
modes ( m > 2 ) are quite sensitive to the compressibility and angular
momentum distribution of the polytrope. They found that the critical
values for higher modes ( m > 2 ) decrease. Even in the presence of visc-
osity these gravitational radiation reaction modes are more strongly

(s
damped LT .

: . . . 13
Considering all the above discripansies, Eriguchi and Mullar 2

were able to predict that the fate of a collapsing, rotating core depends
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on the initial state ( denoted by Y ) and the equation of state ( denoted

by ) as shown in fig.17. Initial models in the upper right part of

the diagram ( above the upper hatched curve ) cannot collapse at all,

while for those situated below the lower hatched curve the increase in

density will be more than a factor 10 & during collapse. Thus only

initial models with parameters between these two critical curves are able

to reach a final equilibrium state, which is stable against radial modes

( i.e., further collapse ), and which has a density interm ediate to white

dwarf and neutron star densities. The equilibrium states can be divided

into three categories :

a) states which are secularly and dynamically stable against non-axisymm-
etric perturbations

b) states which are dynamically stable but secularly unstable against
non-axisymmetric perturbations

c) states which are both dynamically and secularly unstable against non-
axisymmetric perturbations.

Initial models belongs to the category (c) will probably fission, whereas

initial models belongs to category (b) and probably to category (a) will

become so called fizzlers 2 and collapse to neutron star densities

on a secular time scale only.

ii) Hydrodynamical Simulations : Recently Monchmeyer and Mullar ( hence
125,136, 142,45, 150 )
after MM ) have performed an elaborate axisy-
mmetric simulation. They performed four two dimensional numerical s imu-
lations of the hydrodynamical evolution of axisymmetrically collapsing
rotating 1.36Mg stellar iron core. They have taken into account
a) equation of state ( EOS ) data based on nuclear statistical equilibrium
159

and Hartree-Fock calculations performed by Wolff in the density

regime 106 g/cmgs ﬁ < 4 x 10 ]4g/cm3,
b) electron captures on free protons and neutrino captures on free neutrons
c) neutrino trapping at densities jg‘; 3 x 10“ g/Cng,
d) local angular momentum conservation.

The hydrodynamical equations were solved using a conservative, explicit
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60

numerical code of second order accurate differencing \ . This code is

an improved version of the numerical scheme of Rozyczka = , Tscharnu-
. \

ter and Winkler 62‘.

Common to all modes of MM is the formation of a subsonically
falling inner core during collapse. About 10 - 20 ms before bounce this
inner core begins contracting rapidly, whereby it significantly flattens
due to angular momentum conservation. At bounce the ratio of its polar
to equatorial radius is roughly 1/2 in each model. The profile of the in-
fall velocity is asymmetric during collapse, especially in the supersonic
flow region. At bounce the ratio of the maximum polar infall velocity
typically ranges from 1.8 to 2.5 , and the maximum compression of the
inner core in polar direction occurs before the equatorial contraction
is stopped completely. Model A of MM is a more slowly rotating model with
Bi = 0.005. The bounce of model A is , therefore, dominated by the stiff-

ness of the EOS beyond nuclear saturation density ( 2.75 < u’< 3 ).
As a consequence most of the kinetic infall energy of the inner core is
at bounce directly transfered to the shock within 0.3 ms, only. The aver-
age oscillation period of the inner core within an equilibrium central.
density of 2.6 x 1014g/cm3 is 2.5 ms. The stiffness of the EOS prevents
large oscillation amplitude of the inner core. Despite a rather small
initial shock energy of only 3.6 X 1013‘ erg the shock reaches a mass
coordinate of ~ 1.3M@ before it stalls, because of the stabilizing effect
of rotation on the shocked matter. In contrast to one dimensional models.
a R-T instability develops behind the shock front ( see fig.18) . However
the evolution of a R-T instability due to a large negative entropy
gradient behind the shock and the mixing of low with high entropy matter
do not strengthen the shock 146 .

Model B is decelerated by centrifugal forces over an initial of
5ms after the weak reaction rates have come into equilibrium in the centre
of the coré. Despite “f ~ 1.35 and a low compressibility of the matter’
(with an initial value of F3{= 0.02 ) the small amount of kinetic energy
of the inner core doesnot allow for large amplitude oscillations after

12

bounce, when a maximum central density of 2.6 x 10 g/cm is reached
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[ i.e., this model is a fizzeler . The high ram pressure of the infalling
matter prevents a core expansion into polar direction. In the equatoriél
plane a weak shock reaches a distance of 250 Km. There it turns into an
accretion shock, which eventually reaches the edge of the iron core. The
small kinetic energy of the centrifugally decelerated matter in the equa-
torial plane causes a small entropuy production in the shock. Therefore,
matter is not disintegrated and 'y remains close to the value of 4/3.

No explosion is found., Behind a rather weak shock front a secularly
stable rotating equilibrium configuration is formed (see fig.19). The
further secular evolutioni of this configuration, which occurs due to
neutrino cooling on a time scale of the order 0.ls, has not yet been
investigated.

The third model ( model D of MM ) with ﬂ;= 0.01 is the
intermediate to the above two discussed models and bounces at a central
density of 1.5 x 10 14g/cmg. Because of its relatively large gravitational
and kinetic energy the inner core oscillates around its equilibrium
density of 7 x 10\3 g/cm3 with large amplitudes ( see fig.22). For
roughly 8ms after bounce the inner core expands behind the shock with an
average velocity around 1.0 - 1.5 x 10 9 cm/s. The polar and equatorial
diameters of the inner core increase from 50km to 215 km and from 100km
to 300km, respectively. Therefore, the kinetic infall energy of the inner
core is only 1.6 X 10‘;Iergs. But due to the small adiabatic index of
matter at sub-nuclear densities the inner core exerts compressional work
on the surrounding shock heated matter and drives the shock outward. In
this model the kinetic infall energy of the innercore is not directly -
transferred to the shock but powers a large scale post bounce expansion
of the inner core, which pushes the shock like an expanding piston (see
fig.20 ). The shock passes the 1.3M@ mass shell already 5ms after bounce
with a matter velocity of 1.6 X 10q cm./s. Afterwards, the shock is weak-
ened due to neutrino losses 163 . The polar entropy blobs cool down, and
a region of almost homogeneous specific entropy is produced behind the
shock. A second contraction of the inner core sets in 228ms after the

begins of the collapse. The resulting second bounce at 235ms leads to a
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the formation of a ’‘jet’ like flow pattern confined to a diameter of 250km
around the axis. The jet propagates through the shock heated and disinte-
grated matter with velocities ~ 2 X loqcm/s. After a third bounce at 244ms
the calculation was stopped and the mass sorrounded by the shock surface
is 1.42 Mp i.e. the shock reaches and even penetrates the silicon shell

with a positive (radial) velocity indicating a weak explosion (fig.21 ).
7.2.3 Neutrino Heating and Nuclear Dissociation

When the shock stalls and ultimately recedes towards the cenfre
of the star, the rate of neutrino heating for material behind the shock
increases. This established a strong pressure gradient, which may be
sufficient to overcome gravitational potential barrier and give rise to
an outward acceleration and velocity. Bethe and Wilson\Qiginvestigated
the circumstances under which this can occur and they included (electron)
neutrino absorption on free nucleous and neutrino-electron scattering
[ both charged and neutral current contributions . Domogatskii and
Nadyozhin‘GA' and later Haxton 165 pointed out that the nuclear
contribution comes primarily because of the participation of ‘mu’ and
'tau’ neutrinos. However, as the matter behind the shock is heated by
neutrinos coming from deep inside the core, its temperature rises and-
in turn, this leads to a radiation of neutrinos. Nuclei heated by neutr-
inos dissociate through reactions like ‘;eFe —> 13X + 4 n and

C{_"‘} 2 p+ 2n . Thus neutrino emission depends on the progenitor
star structure as well as how fast the shock moved out of the core. The
evolution in effect breaks up into two phases:

a) the eraly phase lasting upto about -~ 500ms involves the collapse and
compression of the outer mantle as it cools and undergoes neutroniz-
ation.

b) the long term diffusion cooling phase of the inner core which lasts
more than 10seconds.

q o q . P
During the early phase, the electron neutrino luminosity is -~ 10‘ES erg/s.
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In the diffusion cooling phase, the neutrino luminosity is ~ 10 erg/s.

Figs. 23 & 24 show the results of the delayed heating for two iron core
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masses 1.37 Mg and 1.33 Mg with stellar masses 25 Mg and 18 Mg, respecti-
vely. In fig.23a the fraction of alpha particles ( X ), neutrons ( Xy )
and proton ( X p ) for the star 25 Me plotted against time for the stan-
dard case with I.ve =4 X IOESQ'ergs/s. Core bounce is taken as the '
origin of time. By the time t = 0.417 s , iron is completely dissociated.
Initially the dissociation of alpha particles is slow because the heat
absorbed is small due to a small free nucleon fraction, as the total
nucleon fraction becomes larger, heating increases fast and by t = 0.477s
the alpha’'s dissociate completely. Fig.23a also gives the total entropy
of the system as a function of time. Fig.23b represents the total inter-
nal energy Ehwﬂ; for the three values of luminosity Ly, = 2, 4,and 5 X
Ufszergs ( solid lines ) and compared the final values with the critical
internal energy 8&na= G Mc /Rc = 14.1 ( where Mc = 1.665 Mg and Rc =
150 km ) . It is also seen from the above figure that the position
of the shock front changing with time. We also see that all three cases
have enough energy for expulsion of matter, although with L .= 2 X 1652
ergs/s the energy inparted is barely above the critical value. The depen-
dence of this internal energy on the luminosity is still strong but we
find a substantial increase in its final vlue using the new heating

[X=%3

rate . - Even the alpha particles take slightly more time in dissoci-

ating and rise in entropy is also some what less.

Fig.24 deals with the effect of the stalled shock for the
18 Mg . Fig.24a represents the baryon fraction X re, X X n , and Xp
as a function of time for M = 0.1 Me / s . Around t= 0.262 s, iron co-
mpletely dissociate the alpha particles while Xn and Xp always stay
lower than 0.15. The reason is that once the shock starts moving out
again at t = 0.287 s some recombination takes place reducing Xn and Xb
even further. The internal energy per nucleon for two cases with accret-
jon rate M = 0.1 Mg / s and M =0 respectively are shown in fig. 24b.
This alos shows the position of the shock as a function of time. We see
that for both cases the maximum Eiint is much less than the critical

value EECSP of 8.7 MeV ( where Mc = 1.64 Mg and Rc = 240 Km ). Not only
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that even with the extra heating through the inelastic scattering of
nuclei, the energy im parted is insufficient to revive the shock to go
further into the phase II heating required to produce explosion. The
alpha particles were only partially dissociated and the total internal
energy always remained considerably below 8@m .

Thus neutrino energy deposition plays a crucial role to
restart the shock front and to power the final explosion of the star in
the type II supernova event. Fig.25 shows a graphical summary and over-
view of physical events occuring in the centre of a massive star between
the onset of core collapse and the formation of the young neutron star
on the one side, and the start of the explosion and later ejection of
the mantle and envelope of the star on the other side. This shows part-
icular radial positions in the star’s central region as they evolve in
time. Time is measured in seconds from the beginning of core collapse.
The evolution can be divided into the collapse phase, the phase of prompt
shock propagation, the matter accretion phase and the protoneutron star
cooling phase. The thick solid line ( R e ) marks the surface of the
stellar iron core, while ( Ric) indicates an inner part , which falls
coherently ( homologously ). Initially this part grows as well in mass
as in radius, containing the region where sound waves are able to commu-
nicate that the centre has started to collapse i.e. for lolog(t) < -1
the line Ric marks the size of the subsonically collapsing inner part.of
the stellar core, at later times it encompasses the settled, compact
inner region of the nascent neutron star. The maximum mass of this region
is always close to the Chandrasekhar mass ( ~ 5.8 Ye 2 Mgy ~ 1.2 ... 1.5
gg, Ye being the electron concentration) determined by the average value
of electron concentration Ye in the core. Since emission of electron
neutrinos continously reduces Ye, there is a point when this inner part
of the core will begin to shrink in mass. This Ric also seperates the
subsonically infalling inner layers from the supersonically collapsing
outer regio n. Therefore it gives the approximate position where the
shock wave is formed at the core bounce. During collapse the neutrino

emission is by far dominated by electron neutrinos, copiously produced
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in electron captures ( e~ + p —> Ye + n ) on free protons and
nuclei. The region where most neutrino stem form is roughly indicated

by the shaded area. It is bounded at the lower side by an inner 2zone
where the high densities let the matter be opaque to neutrinos on coll-
apse time scale ( in general) . The transition region between neutrino
opaque core or neutrino diffusion region and the neutrino transparent.
layers above is called " neutrino sphere" and marked by Ry . In the
outer region of the stellar iron core the neutrino emission becomes
negligible, because of long capture time scale for electrons at low
densities. The supernova shock is formed at core bounce, stagnates for
several hundred milliseconds, and is revived by neutrino heating to
propagate outwards into the stellar mantle with some time delay. The
shock position as a function of time is marked by the line R sh. The
corresponding variation of neutrino luminosities during the different
phases of the evolution as discriminated in fig.25 is shown in fig.26.
Right after formation the shock front propagates quickly outward, trans-
forms into a standing accretion shock at about 100 - 200 km soon after

it posses the neutrino sphere and an out burst of electron neutrinos

( see fig. 2 ) from the hot matter behind the shock yields a significant
energy sink and causes a pressure reduction in the shocked matter. Over
time scales of several 10 to 100 milliseconds neutrino emission from
post shock layers dominates and the burst phase is followed by a plateau
phase in the neutrino luminosities. Different phases of neutrino emission
are :

1) Collapse Phase --- During collapse the average lepton fraction in the
inner 1 Mg of the iron core drops from the initial value of 0.42 to
about 0.36 — 0.38 at trapping . As the collapse proceeds, the luminosity
increases steadily. From the onset of instability upto core bounce about
(5-7)%x 1065; electron neutrinos are set free, each of which carries
away an energy of 6 - 10 MeV i.e. during the roughly 100 ms duration of

this phase energy released less than 105- erg which gives corresponding

to an upper limit of 1052'erg/s of the luminosity.

2) Shock Breakout Phase — This is the second significant phase. The
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effective propagation peed of neutrinos is around 1/10 of the speed of

light. During a short interval of 2 - 10 ms more than 10 5% electrton

neutrinos are emitted from captures of electrons onto free protons in

the dissociated, shock heated material and on the average each electron
neutrino leaves the star with 10 - 12 MeV. This ’ neutronization burst’
rediates away approximately 2 x 105‘l ergs of energy with a peak lumino-
sity of several times U)Bgergs/s upto nearly 10’5a‘ergs/s . Only minor
contributions to the emission stem from thermally produced neutrinos of
all flavours during this time.

3) Accretion and Hot Mantle Cooling Phase ---- The decay from the above
luminosity spike levels out into a plateau-like phase lasting for several
hundred miliseconds. It is associated with the cooling of the hot ( temp-
erature between 4 - 10 MeV ), shocked mantle material and the deleptoni-

zation of continuously accreted lepton rich matter. Thermal energy of

2

about 1.5 x 10 - erg is emitted mainly in electron type neutrinos and

anti neutrinos. However, local thermal production as well as slowly
increasing diffusion fluxes from deeper inside the hot proto-neutron star

add neutrinos of all other kinds ( mu and tau neutrinos and antineutri-

NS, 149, 167, 1693

nos) . With cooling , and contraction of the

surface layers of the newly born neutron star going on, diffusion fluxes
of all kinds of neutrino leaking out from deeper regions start to domi-

nate more and more.

4) Kelvin-Helmholtz Cooling Phase ---- This is where the transition to
cooling phase of the protoneutron star is to be located. During this
phase the newly born neutron star with a radius of 10 - 15 km looses

most of its gravitational binding energies,

“ ( R/ 10 Km )

AE ~ (3/5) (GM2Z/ R ) ~ 1.6 x 10 2> ( M/ Me )

ergs which is initially stored as internal energy in the degenerate

53

lepton gases. More than 60 - 70 % of the 2 - 4 x 10 ergs of energy

169,

release accompanying the birth of a neutron star V70, Typicaly,

52

starting of with luminosities of about 10 ergs/s approximately 70% of

the energy is rediated away within 5 seconds. Upto 90% after 10 seconds,

) i . 1771
being overtaken by the nearly complete deleptoniztion of the object a
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The luminosities are as small as several 105C)ergs/s.

The intermediate period of high neutrino luminosities must also
be the time of shock revivhl 162  1f the neutrino energy deposition
pelow the shock is sufficiently high, the post shock material starts to
expand and develops positive velocities. This causes the end of the
matter accretion onto newly formed neutron star and naturally shut down
when the supernova explosion goes off. The protoneutron star deleptonizes
cools, and shrinks in the quasi static Kelvin-Helmholtz phase, accompan-
jed by roughly exponentially decaying neutrino luminosities, which are

dominated by neutrinos diffusing out from successively deeper layers of

the young remnant.

7.2.4 The Problem of Neutrino Transport

In the above , we see that neutrinos play important roles during
all stages of the supernova and protoneutron star evpolution. They trig-
ger core collapse and decide about the size of deleptonization and entro-
py generation, sink of energy during shock propagation and probably the
key to successful explosions, cooling and , finally neutronization process
—es leading to the cold neutron star remnant. Even the problem of nuc}eo—
synthesis in supernova explosions is affected by the huge flux of neutri-
nos traversing the stellar mantle and envelope 72177t

The time evolution of the supernova neutrinos is divided into
two stages : a dynamicl stage of core bounce and explosion and a quasi-
static cooling stage of the proto-neutron star just born. So far many

133 - 210 have been used

numerical simulations and various methods
put still unsolved. Neither it is clear to which fraction the different
neutrino species contributed to the release of the gravitational binding
energy stored as internal energy in the collapsed stellar core nor is
reliable and satisfactory information about spectral and temporal struc-
ures of the neutrino luminosities available upto this moment.

a) Neutrino Spectra

The energetic distribution of neutrinos emitted from supernovae

and protoneutron stars are important for the investigztion of neutrino
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induced nucleosynthesis processes in the mantle and envelope layers of
the exploding star. During the phase of the collapsed stellar core, where
the matter is still rich of free protons besides of free neutrons, the
nucleonic absorption process is the dominant contribution to transport
opacity k, ( = 1/ At, At the transport mean free path ) and also to
the opacity for energy exchange k¢ for electron neutrinos and antineu-
trinos. In the case of heavy lepton neutrinos as well as for electron
antineutrinos during the later, neutronized stages of the post bounce
evolution Kt is determined by the convective scattering matter is gove-
rned by the scattering of charged leptons. This results in different tra-
nsport properties of electron type neutrinos compared to muon and tauon
neutrinos and in an increasing similarity of the behaviour of electron
antineutrinos and heavy lepton neutrinos during the later stages of the
protoneutron star cooling. Very roughly, neutrino opacities vary likely
the square of the neutrino energy ¢ |[ i.e. k « €?’]. This quite strong
energy dependence immediately implies that in general neutrinos will not
be emitted from well defined surface but will decouple from the stellar
gas within a radially extended region, where gradients of the state
variables T, f>, Mo, etc are present., High energy neutrinos, having
larger reaction cross sections, will interact with the stellar gas until
far out in the star, while low energy neutrinos should decouple from the
stellar surroundings deeper inside the star. This means that the emitted
neutrino spectra will in genral not be thermal. Figs. 27 a - d show
spectra of Ve , Sje , VYx for the neutrino emission from a supernova
at times between 10 and several hundred milliseconds after core bounce.
The spectra computed with the Monte Carlo transport (solid lines) are’
compared with ’‘thermal’ spectra [ performed by Janka and Hillebrandtzul.
The pinched shape of the real spectra relative to the thermal distribu-
tions ( dashed linees) is clearly visible. Figs. 28 a - c give spectra
for all types of neutrinos at three different times during the proto-
neutron star cooling phase ( about 3.3, 5.8, and 7.8 seconds after core
bounce) el . They also show the suppression in the high energy tails.

In figs.27a - c the corresponding fits are shown by the dotted lines.
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Of course, the neutrino temperature varies with time as the energies of
the emitted neutrinos do and depends on the particular structure of the
supernova model ( density, temperature, etc ) and on the phase of the
supernova evolution. Also the suppression of the high energy tail of the
spectra has consequences for the interpretation of supernova neutrino
observations as well as for neutrino induced nucleo synthesis processes
in the outer layers of the progenitor star. Therefore, neutrino lumino-
sity and the average energy of the emitted neutrinos raise a question --
how does the neutrino-matter interaction differ, when the spectra have

an effective degeneracy instead of being blackbody spectra ?

During the phase of matter accretion, lasting for several

hundred milliseconds after core bounce, material is falling
through the standing accretion shock. Initially cooling processes domi-
nate in this material, which radiates away its gravitational binding
energy by neutrinos, and settles onto the protoneutron star. As the
neutron star becomes more and more compact and the accretion rate shrinks
with the decreasing density of the infalling layers of the progenitor
star, there is a moment, when net heating by neutrino energy deposition
must win against neutrino cooling. In this context the most important
neutrino processes in the hot, dissociated post shock material during
the accretion phase, electron / positron absorption on protons/neutrons

and the inverse reactions are :
- Y i Ve
e + p &—-> e + n ; e + n &--> e + p (\9)

This processes ultimately give a net energy deposition in the region
close to the newly formed neutron star which is unavoidable.

As an alternative source of energy transfer to the stellar gas

around the protoneutron star Tubbs and Schramm 213 suggested neutrino-
electron/positron scattering.
— e—
YRS > Y + (1)
et e™

In this process energy deposition becomes important only when the



42

density gets low ; the gas temperature stays around or above 0.5 MeV.

Here Goodman etal 'Z27,2'2 claimed the importance of neutrino pair

annihilation

v+ Y — & e Q)

in the close vacinity of the young neutron star, just outside of the
neutrino sphere. The detailed calculations 2= 2l , however,
give the previous result i.e. the total energy transfer to the stellar
gas is given as sum of the contributions for all flavours of neutrino.
Even the careful analysis of the heating using Monte Carlo results of

21\ 5

neutrino transport in protoneutron stars could not confirm the

proposal given by Goodman R . So it remains contraversial whether
reaction ( 41 ) is really relevant. But it is ascertain that the inverse
reaction, electron-positron annihilation into neutrino/antineutrino

paris, however, takes part in the cooling of the hot material near the

neutron star surface.

b) Numerical Simulations

In the above discussion it is understood that absorption of
electron neutrinos and antineutrinos can deposit enough energy in the
matter between protoneutron star and stalled shock to slow down the
infall of the post shock material and to drive the shock outwards.
Bethe and Wilson 128 suggested that a ’'hot buble’ ( a region of low
density, but temperatures above and around 0.5 MeV ), starts to form
and expands. The energy transfered to the stellar material in that
buble region during the subsequent evolution will decide about the
final energy of the supernova explosion. The detailed study 216 of the
cooling time of the protoneutron star ( together with contributions
by the other heating reactions like neutrino electron/positron scatt-
ering ) [using hot buble], suggests that explosion energy of the order

50

of several 10 ergs, which is quite close to typical energies of

type II supernova events of 1 - 2 x 10 51 ergs. But it doesnot tell

anything about how much of the deposited energy will finally endup as
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kinetic energy of the explosion. It is crucial to know it.

21%,2138 perfor-

In order to clearify this, Janka and Muller
med numerical studies of the neutrino heating phase after core bounce.
Fig. 29 shows the radial positions of selected mass shells in the star
as functions of time during the first second and the first three seconds
respectively, of the evolution. In the lower parts of the figure the
protoneutron star is located. It is also seen that it is loosing its
gravitational binding energies of 2.7 x 10 53 erg by radiating neutrinos
with an exponentially decaying luminosity on a time scale of about 45
seconds. A part of this energy is deposited in the sorrounding gas and
driving a rapid expansion, which leads to a clear separation of the
neutron star from the stellar mantle far out. On a time scale of about
100 - 200 ms ( beginning at about 0.075 seconds after the start of

52 erg ( a fraction of just 5%

simulation ) an energy of 1.5 x 10
of the gravitational energy lost by the protoneutron star, thus unobs-
ervable in SN 1987A ) is radiated away by neutrinos Ye :Exa y IES

( x = /L ,;&?,'C , T ) of average energies around 25 - 30 MeV i.e. it
needs a high thermal neutrino pulse. Colgate eta.l.?"‘9 have suggested
that such kind of thermal neutrino pulse might originate from aspheri-
cal accretion flows onto the protoneutron star . This causes strong
neutrino heating on time scales of the order of the sound crossing time
through the buble region ( i.e. T ~ 0.1 s ). Since the energy depo-
sition happens on a dynamical time scale, the matter in the hot buble
region is not radiation dominated, and thus the temperature in the ‘
buble region can reach higher values, which leads to a powerful super-
nova explosion with an energy of 1.33 x 10 5‘erg ( comparable with

@ | It is obvious that neutrino

1.2 — 1.6 x 10 erg for sN 1987a ) =%
driven supernova explosion takes place. But to work, one needs a
violent, efficient neutrino heating phase within about one second after
core bounce. So the question naturally comes --- which physical mechan-
. . . Ag P o 221,223 .
ism (s) can yield that ? Recent investigtions suggest that it

is due to convection process inside the protoneutron star and/or

between the protoneutron star and the shock. Convection may yield an
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efficient mechanism for energy transfer and imply significant enhance-
ment of the neutrino emission from the neutron star or from matter

accreted onto the newly born neutron star.

c) Convection in and around the pro-neutron star
In the ‘hot buble’ model the rapid expansion of the material
between the shock ( at about 2000km ) and protoneutron star ( with a
radius of roughly 25km ) has produced a nearly isentropic buble region
between about 150 km and the shock with a nearly negative entropy gra-
dient. The inner part of this region is slightly unstable against
convection and indeed some mixing takes. Fig.30 shows the electron
concentration Ye in a region of 376 km radial extension at 193 ms
after the start of the computation. Since difference in the lepton
concentration are very small initially, the Rayleigh-Taylor instabil-
ities comprise variations of Ye between 0.475 and 0.485 only. Figs. 31
and 32 show the convection in a protoneutron star some ten milliseconds
after core bounce and time evolution of the electron, respectively, and
the entropy in a region between 20km and roughly 220 km at four diffe-
rent times 16 ms, 21 ms, 26 ms, and 31 ms after the start of the 2 - D
simulation. In fig.32 one can clearly see how first the inner layer‘
becomes unstable and develop R-T fingers penetrating inward. A little
later zones with negative entropy gradients farther out begin to
break up, too, while the structures deeper inside merge to successively
larger blobs. After another 10 ms the inner region is completely
mixed and homogenized. The convective velocities are near and beyond
the local speed of sound, therefore significant overshooting at the
outer and inner boundaries of the initially unstable regions occurs.
These convective processes behind the supernova shock cannot prevent
the failure of the prompt explosion mechanism, although the shock
gets an additional boost, which helps to bring it out to larger radii
( see £fig.32 ). Because pressure waves are generated by the turbulgnt
motions and catch up with the shock, during it faster out. Since

leptons are removed from deeper layers, the pressure is reduced
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there, and the inner region below about 60 km settles and becomes more
compact. The corresponding release of gravitational binding energy

leads to an explosion of the out layers and supplies the shock with

new energy. The gain in energy from both effects, however, is moderate!eg
and by it self will not convert a failed explosion into a successful
one. So further investigation needs by including

i) neutrino transport in subsequent simulations

ii) how enhancement of the neutrino losses will influence the shock

propagation on one side and the neutron star formation otherside.

8. FORMATION OF NEUTRON STAR THROUGH WHITE DWARFS

This the second route for the formation of neutron stars thro-
ugh white dwarf. In this route there are three possible scenarios. The
important one is accretion induced collapse of a white dwarf in a
binary. The other two scenarios are
i) the collapse of a white dwarf more massive then the Chandrasekhar

225,226 and

limit
ii) Coalescence of an extremely tight binary consisting of two white
dwarfs.
But these two scenarios are very rare. So we shall deal with the
scenario accretion induced collapse.
8.1 Accretion Induced Collapse
The possibility that accretion at certain rates onto a white
white dwarf may lead directly to neutron star formation has been

22% -232 . It is found that only possible

studied by many groups

model for the white dwarf collapse are :

i) c+0 white dwarf ( in which carbon and oxygen may or may not have
chemically seperated )

ii) O+Ne+Mg white dwarf

For a wide range of mass accretion rates and initial white dwarf

masses, the O+Ne+Mg white dwarfs collapse due to electron capture on

QJ*Mg and 2‘ONe . On the other hand, the C+0 white dwarfs could

either explode or collapse depending on the conditions of the white
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233, 234

dwarfs and binary systems in which they are formed . There-

fore, chemical separation in such objects is crucial. This is still

hypothetical an in any case could not be complete before Carbon

234"

burning starts . Now we shall see how degenerate C+0O and O-Ne-Mg

cores arise from stellar evolution.

as

b)

c)

Depending on mass M, the stellar evolution can be classified
follows : 226
for M < 0.08 M@ , the star will become a planet like black dwarf
without igniting hydrogen burning
for 0.08 Mg < M < 0.45 Mg , the star will endup as a helium white
dwarf, though such a single star has not evolved off the main
sequence in a Hubble time.
For 0.45 Mg < M < 8 Mg the star forms a C+O core of mass smaller
than 1.06 Mg , which then become strongly degenerate. Most of them
will become a C+0O white dwarf by losing their hydrogen rich envelope
but some of them ( ~ 6 - 8 Mg ) could reach a supernova stage by
increasing the C+0 core mass to the Chandrasekhar mass and ignites
a carbon deflagration .
d) for 8 Mg < M < 10 Mg : The star forms an O+Ne+Mg core. The core
mass is smaller than 1.37 Mg and becomes a strongly degenerate.
e) for 10 Mg < M < 13 My , neon is ginited in a semi-degenerate
O+Ne+Mg core. Whether subsequent evolution leads to a non-degene-
rate configuration depends on the neutronization during oxygen
burning and crucial for the final fate.

f) for M > 13 M@ : The star undergoes non-degenerate burning to

form an iron core.
8.1.1 Accreting of degenerate C+0 core

The ultimate fate of accreting C+0 white dwarfs depends
on M , the growth rate of the C+0 white dwarf mass, and the initial
mass of the white dwarf Mco. The detailed evolution of the C+0

white dwarfs has been studied by Nomoto and Iben , Kawai etal
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2.39 , Woosley etal 240 . They found that
¥

, Saio and Nomoto
for M > 2.7 x 10--6 Mo / year, center carbon burning is ignited by
rapid compressional heating. Though this off centre carbon burning
the C+0 white dwarf is peacefully changed into an O+Ne+Mg white
dwarf. The resulting O+Ne+Mg white dwarf will collapse to form a

neutron star due to electron capture on 2“"Mg and 2®Ne, if the

Chandrasekhar mass is reached ( see fig. 33a ).

For a relatively high accretion rates ( 2.7 X 10—-6 Mg / yr
° -8
>M >4 x 10 Me / year) a carbon deflagration starts in the white

9 3 241,242

g/cm The

dwarf’s centre at low density Jﬁ; ~ 3 x 10
convective deflagration wave then propagates outward at a subsonic

!

velocity. Recently Timmes etal2 and WoosleyQJ¥4' have examined
the details of flame propagation, the dynamics of the collapse and
the first second of the neutron star’s life and found that a critical
central density at nuclear ignition which is about 6 x 10c7g/cm3
for C+0 dwarfs. For larger densities, electron capture behind the
flame leads to its stabilization aginst R-T modes. There are two
scenarios arise in which a carbon deflagration is initiated in the
center when the central density is as high as 10'0 g/cﬁ% i) At such
densities, the carbon deflagration may not lead to an explosion
since electron capture is much faster at these high densities than
at the lower densities encountered in the models of SNIa. ii) if the
central part of the white dwarf is in the solid state, the propaga-
tion mode of the burning front could be different. If the solid is
strong enough, convection will be suppressed and the burning front
will propagate as a conductive deflagration wave 227,245 | Byen

for fluid layers, conductive deflagration could dominate convective
deflagration in the central region?‘qh6 . Even for solid core,
propagation of the deflagration wave is not necessarily due to
conduction alone since convection could influence the melting of.the
solid core 247 . However, if the propagation velocity of a conduc-

tive deflagration wave is low (high) enough and /or the central den-

sity is high (low) enough, a carbon deflagration will lead to
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collapse (explosion) . So the outcome is rather sensitive to the
propagation velocity and the central density . More study is needed

in this point.

8.1.2 Collapse of O+Ne+Mg White dwarf

The star in the mass range 8 - 10 Mg undergoes non-degene-
rate carbon burning and forms an O-Ne-Mg core. The advance of the
carbon burning shell stops near the helium burning shell at Mr =
1.28 Mg ( My = 2.2 Mg ) and 1.34 Mp ( My = 2.4 Mo ) 248
Hence the oxygen-Neon core mass does not exceed the critical mass
of 1.37 Mg and , therefore, neon is never ignited. After attaining
the maximum temperature, which is far below the ignition temperature
of Ne, core temperature Tc decreases due to neutrino emission.
Afterwards, the core becomes strongly degenerate. If the core mass
stays constant ( ~ 1.3 Mg ) , the degenerate core will simply |
continue to cool like a white dwarf. In a red giant, the core mass
interior to the helium burning shell grows because hydrogen and

helium shell burning processes the material of the He rich envelope

into carbon-oxygen. When the core mass grows to 1.38 Mg, core

3 4

i.e. the electron captures'Z Mg,

density ﬁ; reaches 4 x 10 1 g/cm

24Na, 24 Ne, and later for 22 Na, 20F,200 . Electron captures
produce entropy by distorting the Fermi distribution function
and emitting gamma raysjqu » 250 . This electron captures
occur only in the nuclear statistical equilibrium (NSE) layer
behind the burning front and, therefore, the region of small Ye
is confined to a central region which grows gradually. But the
0-Ne-Mg core contains nuclear fuel which ignites during infall.
It is found that heating due to thNa ( e,V )2£*Ne is slower
than the plasmon neutrino cooling but electron capture on Ne
and 20 F leads to the ignition of oxygen at f%_~ 10'0g/cm3 234,251,
252 . However, this oxygen deflagration does not lead to

explosion because the decrease in Ye due to electron capture

behind the burning front is fast enough to induce collapse.
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Hillebrandt etal found that this collapse is slower than

the collapse of the iron core of a massive star until the burning
front has propagated to roughly ~ 8 Mg . Afterwards, the collapse
accelerates quickly. As Ye in the NSE region of the O+Ne+Mg core
is smaller than in iron core, the entropy at the burning front

is higher and thus proton fraction is larger. These two effects
result in a homologous core whose mass is smaller and an outer
infalling layer which is less dense than that in iron core coll-
apse. These produces two effects on the bounce shock : a) the
binding energy of the rebouncing core is smaller and , hence,'the

5
282 0S b) the low density in the outer

shock wave is weaker
layers makes the shock propagation easier. However, the outcome
of the accretion induced collapse for a O+Ne+Mg core depends on
the initial mass of the white dwarf and explosion energy which
are still uncertain. In many cases it is found that mass of the
0-Ne-Mg core is very close to the Chandrasekhar mass i.e. only a
small mass increase is enough to trigger collapse'lgg . Recentl
examination on the details of flame propagation determines a

critical central density at nuclear ignition, 8 x 10 1 g/cmz' for

a O-Ne_Mg core , above which collapse to a neutron star is likely.

9., CONCLUSION

Type II supernova events is thought to be a consequence
of the gravitational collapse of the central region of massive
evolved star after elements of the iron group have been produced
there in a sequence of successive nuclear burning phases. The
collapse of the roughly 1.4 Mg iron core, giving rise to the
ejection of the star’s mantle and envelope in a supernova explo-
sion of type II and to the birth of a neutron star or blackhole;
associated with the emission of huge amounts of energy in form of
neutrinos. Neutrinos obviously play an important role during all
stages of the Supernova and protoneutron star evolution. In part-
icular, trigger core collapse, decide about the size of deleptoni-

zation, energy generation, sink of energy during shock propagation
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In our above discussion we see that there are several

phases with clear distinct neutrino emission such as core collapse
prompt shock propagation and shock break out, matter accretion

’
onto the nascent neutron star, Kelvin-Helmholtz cooling of the
protoneutron star, etc. So, neutrinos certainly may open an impor-
tant and useful windows to observe the physics happening deep
inside the supernova core and to learn about the mechanism which
leads to the explosion of the star , and formation of neutron
star. This needs a thorough study iin the following areas :

i) the exact reason of the failure of the prompt shock mechanism
to explode type II supernovae. Although several numerical
description of the hydrodynamics have been performed, but
still it is unknown. Possibly, there must have another physical
reasons.

ii) The success or failure of the core bounce / prompt shock
mechanism depends on the position where the shock is formea
and on the energetics of the shock wave. As the position of
shock formation and the energy balance of the shock both are
intrinsically coupled, this needs a detailed hydrodynamical
evolution and numerical simulation during collapse, bounce
and shock creation.

iii) The currently most promising model to explain the explosion of
massive stars in type II supernovae is the "delayed mechanism"
by neutrino heating particularly, hot buble model. Neutrino
transport in the supernova context, which is dependence on
the energy of the propagating particle is vital i.e. a suitable
description of neutrino transport ( see fig.33 )

iv) How and to which extent does the use of flux-limiting techni-
ques affect the neutrino transpoft and what are the conseque-
necs for the picture of core collapse, shock propagation and
proto neutron star cooling ?

v) Which influence on the transport and emission of neutrino does
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neutrino-electron scattering have ?

vi) To which extent does a thorough description of neutrino trans-

fer in the semitransparent outer layer of the newly formed
hot protoneutron star change the neutrino heating that acts
as the source of energy for the late time shock revival ?
vii) Which spectral ( and temporal ) signature does the neutrino
emission from supernovae and hot protoneutron stars have and
what are the implications for theevlution and interpretation

of detections of neutrinos from stellar core collapse events

viii) More investigtion on the large scale aspherical accretion flows

down to the protoneutron star which may yield another source
of high energy neutrinos during convection phase.

ix) Role of magnetic field during or after the collapse .
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FIGURE CAPTIONS :

Fig.l : Schematic diagram of the changes in stellar structure from
the pre-main sequence contraction to the onset of central

helium burning.

25

22Ne (ol n ) Mg vs

Fig.2 : Nuclear fluxes corresponding to
mass coordinate Mr/M ( where M is the current stellar mass)
for the star of mass 15 M@ . Model M15A corresponds to
contraction phase toward C ignition, while model M15 B
relates to central C exhaustion. These fluxes are defined
as ]Dx4 XiNA<G"v>where X4 ,Xiarethemass
fraction of alpha particles and of ‘3c, IlNe or 2lNe
while Np < QV > designates the relevant ( X , n ) rate

in the usual notation ( see ref. 47 )

Fig.3 : Nuclear fluxes corresponding to 2lNe ( K, n) 2§Mg vs
mass coordinate Mr/M for the star whose mass is 30 Mg .

Notations are same as in fig. 2.

Fig.4 : Evolution of the internal structure of 20Mg star. Cloudy
regions are convective zones, heavy hatched regions indicate

3

zones where nuclear energy rates are superior to 10 erg/g.

sec. At the begining of the C and Ne burning phases, time has

reset to zero and the scale has been changed (see ref.50)
Fig.5 : Composition profile within the 20Mg model near the end of

the O-burning phase. Abscisa, the lagrangian mass coordinate,

ordinate, the logarithm of the mass fraction (see ref.50)



Fig.6.

Fig.7

Fig.8

Fig.9

Fig.10

Fig.1l1

Fig.12

.
.

The abundance distribution at the onset of collapse for the
6 M@ helium core of the 20 Mg star. "Fe" and "Si" denote
iron peak elements and silicon peak elements, respectively
(see ref. 52)

Four 25M@ pre supernova models calculated with different
values of the semi convective diffusion parameter and rate
for the 12’C (X s Y)‘éo reaction rate. Only the inner 15 Mg
of the 25 Mg models are shown. The letter ‘S’ means much
more semiconvection was employed, while letter 'N’' means

that a very small amount of semi convection was included

in the calculation ( see ref. B84)

a) Density and b) Chemical composition vs mass for the
innermost 7.5 Mg of the 15 Mg stellar model of Arnett (ref.
44 ). The model has a 4 M@ helium core, a 1.5 M. oxygen core
and a metallicity z = z@ /4. The density profile shows two
steep drops, which occur at the H/He and at the He/C-O
interface. These regions will become unstable due to the'

passage of the shock ( ref.93)

a) Detailed abundancee distributions in zones which undergo
alpha rich freezeout and b) incomplete Si burnijng at Mr <

1.74 Mo and explosive O-burning at Mr < 1.8 Mg (ref.83)

Abundance distribution after passage of the supernova shock
front. Matter outside 2 Mg is essentially unaltered. Mass
zones further in experience explosive Si, O, Ne, and

C-burning ( ref.95)

The velocity profiles at t = 100 d for model 14 E 1 (solid

curve ) and 11 E 0.6 ( dashed curve ) [ see ref. 99 ]

a) Change in the pressure profile (top) and b) change in
the density profile (bottom) of the ejecta model 14El.

Stage numbers corresponds to (0) t =0 s, (1) 9.0 s ,



Fig.13

Fig.14

Fig.15

Fig.1l6

Fig.17

Fig.18
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(2) 167 s (3) 1060 s (4) 3330 s (5) 7460 s after the

explosion [ see ref. 100 ]

Nonlinear growth of the Rayleigh-Taylor (R-T) instability
for 14 E 1 with the 5 % sinusoidal perturbations on

velocities [ ref. 108, 109, 110 ]

Nonlinear growth of the Rayleigh-Taylor instability for
14E1 with random perturbations shown in the density contour
(left) and positions of the marker particles initially
located at the H/He , He/C+0, and C+0/Si interfaces (right).
The core material finally reaches the top of the mashroom

head [ see ref. 108 - 110 ]

Abundance distribution (mass fraction) as a result of
Rayleigh-Taylor instability. Hydrogen is mixed down to
Mr ~ 1 Mg . The mean radial velocity is also shown

[ see.ref. 108 - 110 ]

Equilibrium parameter Fgp as a function of the (absolute)
value of the ratio of rotational to gravitational energyf}.
The number attached to each curve is the adiabatic index f
determined by the equation of state. The solid and dashed

curves represent differnt rotation laws [ref. 135, 139 ]

Possible evolutionary scenarios of collapsing rotating
ploytropes as a function of the initial (absolute) value

of the ratio of rotational to gravitational energy B;, aﬁd
of the adiabatic index'j determined by the equation of state

[see ref. 135, 139 ]

Profiles of the specific entropy and flow pattern about

6.5 ms after bounce showing the instability at the edge of
the high entropy region. The contours covers a range from
Fmin to F max with a specific Delta. The time, the central

entropy and the velocity scale are given in the legend of
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the fig. [ see ref. 142, 150 ]

Fig.19 : Profiles of the density [ log 10(f9] and flow patter about
84 ms after bounce showing the strongly flattened, rotatio-
nally stabilized configuration at the end of the calculation.
The contour cover a range from F min to F max with a specific
Delta. The time, the central density and the velocity scale

are given in the legend of the figure (see ref.150 )

(P)] and flow pattern about

Fig.20 : Profiles of the density [ log 10
3.6 ms after bounce showing the expansion movement of thg
inner core behind the shock front. The contours cover a
range from F min to F max with a specing Delta. The time

the central density and the velocity scale are given in

the legent of the fig. [ ref. 150 ]

Fig.21 : Profiles of the specific entropy and flow pattern about
45ms after bounce showing the shock front, which already
penetrted the silicon shell, and the ‘jet’, which rapidly
expands into polar direction. The contours cover a range
from F min to F max with a specing of Delta.The time, the
central entropy and the velocity scale are given in the

legend of the fig. [ ref. 142, 150 ]

Fig.22 : The post bounce oscillations of the rotating models are
shown for different quantities. In the first figure of
each column the central density f%,[ g/cc ] of each model
is plotted. The second plot shows the rotational energy
integrated from the core center upto selected mass zones.

[ see ref.150 ]

Fig.23 : a) Mass fraction of neutrons, protons and alpha particles
in the shocked zone plotted as a function of time for thg

standard case with L yg = 4 X 10 52 erg/s and Rye= 30 km
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case. Also shown with a dashed curve is the variation of
total entropy. The dot-dashed curves rerpresent the variation
of the corresponding quantities in which the neutral current

heating on nuclei was neglected [ ref. 166 ]

b) Internal energy per nucleon Eihk behind the shock front
plotted against time for various values of the neutrino
energy flux. Solid cuve I, II, III are for neutrino lumino-

sities Lye = 2 x 10°%, 4 x 10°%

and 5 x lOBQ—erg/s 7
respectively with R pe = 30 km. Also shown on the ordinate
is the gravitational potential pbarrier €= GMc/Rc = 14.1 MeV.
Dashed curve denotes the position of the shock as a function
of time. The dot-dashed curve (II’) represents the evolution

52

of Eih% for Liye = 4 x 10 erg/s. without the neutral

current heating on nuclei [ see ref. 166 ]

Fig.24 : a) Mass fraction of neutrons, protons, alpha particles and
Fe nuclei in the shocked zone plotted as a function of time
with R ¥e = 55.4 km and Ly = 3.28 x 10 'SQ‘erg/s for the
18 M. core. Also shown with a dashed curve is the variation

of total entropy [ see ref. 166 ]

b) Internal energy per nucleon Eint behind the shock front

plotted against time with R 5 = 55.4 km and Ly = 3.28 X

]i)Sl'erg/s. Curve I is with M = 0.1 Mg , and curve II with
[

M = 0 . Also shown on the ordinate is the gravitational
potential EEQT = G Mc / Rc = 8.7 MeV. Dashed curve denotes

the position of the shock as a function of time [ ref. 166 ]

Fig.25 : Schematic picture of stellar core collapse, formation of the
neutron star remnant and start of the supernova explosion.
The shaded region indicates those layers where most of the
neutrino emission comes from.

the radius of the stellar iron core

IlFe
Ry

the position of the ‘neutrino sphere’ which separates
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the regions of neutrino diffusion and neutrino trans-
parency.

R ic = the size of the subsonically collapsing innerpart of
the stellar core, at later times it encompasses the
settled, compact inner region of the nascent neutron
star

R sh = the supernova shock which is formed at core boounce,
stagnates for several hundred milliseconds and is
revived by neutrino heating to propagate outwards
into stellar mantle with some time delay

Details are in the text [ see ref. 168 ]

Fig.26 : Schematic representation of neutrino ’ light curves’ during
stellar core collapse, shock propagation and shock breakout,
accretion phase and protoneutron star cooling, the different
phases separated by vertical short dashed lines. The solid
curve corresponds to Ye , long dashed line marks -5;
emission, the dashed dotted curve indicates the luminosity
in each of the neutrino kinds ﬁ&L ;‘9;* ¢ Ve o &8 Ve -

Time is measured in milliseconds with |0log (t) = 0 positioned

at the moment of core bounce [ ref. 168 ]

Fig.27 : Spectra of neutrinos from a supernova . The figures a) and D)
give results for Ve at 12 ms and 315 ms after core bounce,
respectively. c) the Vg spectrum and d) the Vx (X =M, M ,

— , T ) spectrum at the later stage of the supernova
evolution. The spectra plotted as solid lines were obtained
by Monte Carlo simulations of neutrino radiative transfer, the
dashed lines show the ‘thermal’ or ’'blackbody ' spectra
( i.e.\}v = 0 ) with same average energy, the dotted lines
represent fits with non-vanishing neutrino degeneracy parame-

eff
ter Wl %L 0. Note that the Monte Carlo spectra show
Y
significant depletion at low and high energies compared with

the thermal spectra. The average spectral energies are 9.5 MeV,
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8.2 MeV, 14.4 MeV, and 17.2 MeV in figs (a) == (d) respectively

[ see ref. 168 ]

Fig.28 : Spectral distributions of energy emitted in neutrinos per unit
area of these surfaces of the protoneutron star models,
integrated over the time intervals during which transport was
followed by Monte Carlo methods.

Solid lines correspond to a model at about 3.3 s after core
bounce ( radius of the neutron star R ns = 16 km.). Dashed
lines to a model at 5.8s after bounce R ns = 12.8 km. Dotted
lines represent the emission at 7.8 s post bounce ( R ns =
11.8 km ). The average spectral energies are 12 - 13 MeV for
Ye , about 16 MeV for g)_e_ , and 24 - 27 MeV for Vo

[ ref. 168 ]

Fig.29 : Radial position of selected mass shells as functions of time
for the first three seconds of a simulation run where neutrino
effects were included. Time is measured from the start of
computation. The matter external to the neutron star is heated
by the neutrino flows from the neutron star and a huge expansion

sets in [ ref. 168 ]

Fig.30 : Electron concentration Ye with in a region of 376 km radial
extension above the newly formed neutron star at about 0.8 s
after core bounce. The convection is driven by a negative
entropy gradient and mixes material of lower Ye from positions
close to the neutron star with matter of higher Ye farther out

[ se ref. 168 ]

Fig.31 : Convection in a protoneutron star some ten milliseconds after
core bounce. The plot shows the time evolution of the electron
concentration Ye in a region between 20 km and 125 km. The four
pannels are arranged in counter clockwise order, starting from
the right upper side, and show snapshots at 13 ms, 16 ms, 21 ms,

and 26 ms after the start of the 2-D computation. The grey



Fig.32

Fig.33

tion

-
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levels correspond to Ye values between 0.05 and 0.5 with a

linear variation from dark to bright [ ref.168 ]

Convection in a protoneutron star some ten milliseconds after
core bounce. The plot shows the time evolution of the entropy
( in k.B per nucleon ) in a region between 20 km and 218 km.
The panels are arranged in counter clockwise order, starting
from the right upper side, and show snapshots at 16 ms, 21 ms,
26 ms, and 31 ms after the start of the 2-D computation. The
grey levels correspond to entropy values between 2 and 9 with

a linear variation from bright to dark [ see ref. 224 ]

Imagined convective overturn in the region between proto-
neutron star and supernova shock during the matter accretion
phase after core bounce. The matter is accreted onto the
nascent neutron star in narrow flow tubes and emits high
energy neutrinos, which helps to power the supernova explosion

[ see ref. 224 ]
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